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What is photometry?

• Photometry is concerned with obtaining quantitative physical 
measurements of astrophysical objects using electromagnetic 
radiation. 

• The challenge is to relate instrumental measurements (like 
electrons counted in an electronic detector) to physically 
meaningful quantities like flux and flux density

• The ability to make quantitative measurements transformed 
astronomy from a purely descriptive science to one with great 
explanative power.
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Flux density gives the 
power of radiation per unit 

area
Surface brightness is the 
flux density per unit solid 

Power is energy per unit time:

dP = I�cos � dA d⇥ d⇤

Flux and brightness

• Iν: radiation intensity

• dA: Surface area

• dθ: angle with the surface

• dω: solid angle

Watts m2sr Hz

To print higher-resolution math symbols, click the
Hi-Res Fonts for Printing button on the jsMath control panel.

Brightness and Flux Density
Astronomers learn about an astronomical source by measuring the strength
of its radiation as a function of direction on the sky (by mapping or imaging)
and frequency (spectroscopy), plus other quantities (time, polarization) that
we ignore for now. We need precise and quantitative definitions to describe
the strength of radiation and how it varies with distance between the source
and the observer. The concepts of brightness and flux density are
deceptively simple, but they regularly trip up experienced astronomers.  It is
very important to understand them clearly because they are so fundamental.

We start with the simplest possible case of radiation traveling from a source
through empty space (so there is no absorption, scattering, or emission
along the way) to an observer.  In the ray-optics approximation, radiated
energy flows in straight lines. This approximation is valid only for systems
much larger than the wavelength  of the radiation, a criterion easily met by
astronomical sources.   You may find it helpful to visualize electromagnetic
radiation as a stream of light particles (photons), essentially bullets that
travel in straight lines at the speed of light.  To motivate the following
mathematical definitions, imagine you are looking at the Sun.  The
"brightness" of the Sun appears to be about the same over most of the Sun's
surface, which looks like a nearly uniform disk even though it is a sphere.
This means, for example, that a photograph of the Sun would expose the
film equally across the Sun's disk. It also turns out that the exposure would
not change if photographs were made at different distances from the Sun,
from points near Mars, the Earth, and Venus, for example.

The Sun in three imaginary photos taken from a long distance (left), medium
distance (center), and short distance (right) would have a constant
brightness but increasing angular size.



Specific intensity

Specific intensity is power of radiation
 per unit area / per unit time / per unit 

frequency
I� �

dP

cos � dA d⇥ d⇤

Note that, along a ray, specific 
intensity is conserved.

Note also that specific 
intensity is not altered by a 

telescope!



Flux densities

Total source intensity:

dP

d⇥ d⇤
= I� cos � dAFlux density=

S⌫ ⇡
Z

source

I⌫(�,⇥)d⇤

Flux densities are appropriate for compact, unresolved sources



Flux density and magnitudes

The flux density the amount of energy per unit area 
per unit wavelength (note it is monochromatic):

Can easily convert between AB magnitudes and flux 
densities (see later)



The magnitude scale
• Hipparchus ranked the brightness of stars, 1 being the brightest and 6 the 

faintest. The human eye has a logarithmic response to incident light and 
each magnitude is twice as a bright as the faintest

• This leads to the following definition of “instrumental magnitude” (from N. 
Pogson): the factor 2.5  was chosen (it’s the fifth root of 100) to reproduce 
Hipparchus’ scale, where fi is the source flux density

• The magnitude difference between two source is the ratio of the fluxes:

mi = C � 2.5 log10fi

• Some consequences: small magnitude differences approximately 
correspond to small flux differences (e.g, delta 5% mag ~ delta 5% flux). 

• Magnitudes of objects with negative flux measurements are  undefined 
which can be problematic for faint sources: see the sloan “asinh” 
magnitudes as a possible solution to this problem

mi �mj = �2.5log10

✓
fi
fj

◆



Why do we need magnitude systems?

• Different detectors have 
different responses; old 
“photographic 
magnitudes” for example 
were not very practical

• Would like to have 
information concerning 
the underlying spectral 
energy distribution of the 
objects under 
investigation

• Would like to be able to 
compare with 
measurements made by 
different groups



Typical broad-band transmission curves

use a plus sign superscript for the Suprime-Cam Sloan filters and
an asterisk superscript for the Megaprime Sloan filters; no super-
script is used for the SDSS survey filters. The designationsU,B,V,
R, and I are used for the Landolt-Johnson-Cousins set, while BJ

and VJ are used for the Suprime-Cam Johnson set. Conversions
between these systems are discussed in H. Aussel et al. (2007, in
preparation).

The wavelength range, depth, and image quality for all data
presently reduced and included in the version 2.0 optical / IR cat-
alog are given in Table 2 and plotted in Figure 3. The depth quoted
is for a 5 !measurement in a 300 aperture of an isolated point source
at themedian seeing given in Table 2. This should be viewed as an
optimistic estimate since most objects are extended and many are
confusedwith neighboring sources. Taniguchi et al. (2007) present
a discussion of detection sensitivities and completeness for various
Subaru filters. Themedian photometric depths in the COSMOS i!

selected catalog are discussed in x 4. Table 2 also gives a first-order
offset to the Vega system; however, a color term must be applied
to get the true Landolt-Vega system magnitudes; these are given
in H. Aussel et al. (2007, in preparation).

2.1. Data Products

We took special care in producing data products that simplify
analysis and are tractable on contemporary computers.35 To do
this we defined a common grid of subimages for all data products.
The starting point for this grid is the COSMOS astrometric cat-
alog, which covers 4 deg2 (H. Aussel et al. 2007, in preparation)
and is larger than all present or planned COSMOS data sets. The
area is divided into 144 sections of 100 ; 100, and each section is
covered by an image of size 4096 ; 4096 pixels with a pixel scale
of 0.1500. Therefore, adjacent tiles overlap each other by 14.400 on
all sides. As a result, the vast majority of objects can be analyzed
on a single image. The layout of the image tiles is shown in Fig-
ure 4. The pixel scale was chosen to be an integer multiple of the
0.0500 scale used for the HSTACS images. All images and noise
maps are scaled to units of nanojanskys per pixel, which corre-
sponds to a magnitude zero point of 31.4.

For each Subaru and SDSS band an image with the original
PSF and a PSF-homogenized across the field within that band is

Fig. 2.—Transmission profile of theKs-band filter fromKPNOFLAMINGOS
and CTIO ISPI. This profile is normalized to a maximum throughput of 1 and
includes the transmission of the atmosphere, the telescope, the camera optics, the
filter, and the detector.

Fig. 1.—Filter transmission profiles for the COSMOS optical data set from
CFHT, Subaru, and HST as of 2005 April. These profiles are normalized to a
maximum throughput of 1 and include the transmission of the atmosphere, the
telescope, the camera optics, the filter, and the detector. The HST F475W data
only cover the central 90 ; 90 area; details are given in Scoville et al. (2007a). The
SDSS Abazajian et al. (2004) and Johnson-Cousins systems used by Landolt
(1992) are shown for comparison. Notice the significant differences between the
Johnson-Cousins, SDSS, and other systems. Color conversions are clearly needed
to transform from the COSMOS system to the standard star systems. These are
given in H. Aussel et al. (2007, in preparation).

35 All data products discussed in this paper are publicly available at http://
irsa.ipac.caltech.edu/data /COSMOS/.
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• “Magnitude system” defined by 
combination of detector, filter, telescope

• z’ filter usually limited by CCD response

• Efficiency in u* depends a lot on optical 
coatings; very few telescopes are efficient 
at these wavelengths. 



• By definition we set at all wavelengths

“Vega” magnitudes
• But how to define an absolute magnitude system rather than 

one based on relative measurements?

•  One system is based on the flux of the star alpha-Lyrae or 
Vega (for a given filter) outside the atmosphere, where fi is the 
flux density per unit wavelength:

mi �mVega = 2.5 logfi + 2.5 logfVega

mVega � 0

m ⇥ �2.5 logf� + 2.5 logf�,Vega

• The zero-point of this system depends on the flux of Vega and is 
different in different bands.

• Thus:

• This means also that the colour of vega is zero in all bands



Vega magnitudes - II 

• Johnson (1966) described a broad-band photoelectric photometric system based 
on measurements of A0 stars like vega

• Other work provides an absolute flux calibration linked to Vega. 

• Practical difficulties: (1) not everyone can (or should) observe Vega -- it’s much too 
bright -- so a network of secondary standards of fainter sources have been 
established. 

• The Landolt system, based on A0 stars has become the standard magnitude 
system for many applications. 

• Landolt measured stellar magnitudes using photoelectric photometers with a 
14” (!) aperture; while making measurements with Landolt stars one should use this 
aperture. 



Absolute calibration of the vega system. 

• The basic number to remember: 1000 photons in V at the top of the 
atmosphere. This is a useful number to remember for the CCD equation!

!0

" = f0

"/h# = 1005 photons cm!2 s!1 Å
!1

• Photomultiplier tube based spectrophotometers in the 1970s were used to 
make spectral measurements of Vega.

• This absolute calibration was carried out by observing laboratory light 
sources across mountain tops (we don’t know how a priori what the 
absolute flux of vega is) 
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III. THE VEGA MAGNITUDE SYSTEM

Following Johnson & Morgan, the set of calibrator stars for most filter
photometry systems is defined by one “primary standard,” the bright star
Vega (� Lyrae), which in turn has been coupled through an elaborate
bootstrap technique to a large set of “secondary” standards. The bootstrap
involved extensive observational filter photometry and spectrophotometry as
well as theoretical modeling of stellar atmospheres.

Ideally, the Vega magnitude system (or “vegamag”) is defined as follows:

o Let Ri(⇥) be a transmission function for a given band i. R is usually
determined primarily by a filter.

o Then for a source whose spectral flux density at the top of the Earth’s
atmosphere is F⇥(⇥), the broad-band magnitude mi is

mi = �2.5 log10

�
Ri(⇥)⇥F⇥(⇥)d⇥

�
Ri(⇥)⇥F VEGA

⇥ (⇥)d⇥
+ 0.03

where 0.03 is the V magnitude of Vega. The system is based on
spectral flux density per unit wavelength.

o Here we have assumed a photon-counting detector, so that the system
response is proportional to the photon rate. This is the origin of the
additional ⇥ term in the expression above (the photon rate is [⇥/hc]F⇥).

o Vega was chosen as the primary standard because it is easily observable
in the northern hemisphere for more than 6 months of the year and
because it has a relatively smooth spectral energy distribution compared
to later type stars. Bright stars with the same spectral type are
relatively common.

o The SED of Vega is shown on the next page, and an IDL save file
containing a digital version (theoretical) of the SED is linked to the
Lectures web page.

o Vital statistics for Vega (from Kurucz): Spectral type A0 V. E�ective
temperature Te = 9550 K. Surface gravity log g = 3.95. Metal
abundance log Z/Z⇥ = �0.5.

• Reminder:



The AB magnitude system -I 
• In Vega magnitudes, the flux density corresponding to m=0 is 

different for each filter: to get absolute quantities we need to 
know the spectrum of vega. The spectrum of vega is poorly 
defined at longer wavelengths. 

• It is also difficult to relate vega magnitudes to physical 
quantities such as energy

mVega
V � mAB

V � 0

m = !2.5 log f! ! (48.585 ± 0.005)

• The AB system is sometimes known as a spectrophotometric system. 

• The absolute calibration of the AB magnitude system also depends on the 
spectrum of Vega (unfortunately). 

6.1.2 AB magnitudes

To avoid the problems with Vega magnitudes — that the flux density that corresponds
to m = 0 di!ers at every wavelength, and that the flux of Vega can become exceedingly
small at wavelengths outside the UV–near-IR regime1 —, another magnitude system,
the AB or spectroscopic or natural magnitude system, was deviced (Oke & Gunn
1983). In the AB magnitude system, the reference spectrum is a flat spectrum in f! :

f! ! const. [ergs s!1 cm!2 Hz!1].

That constant is per definition such that in the V filter: mV ega
V ! mAB

V ! 0 (or
more accurately: f! d! ! f" d" when averaged over the V filter, or at the e!ective
wavelength of the V filter, "e! = 5480Å.

# Note that the AB magnitude system is expressed in f! rather than f"!

The flux density in f! is related to the flux density in f" by:

f! [ergs s!1 cm!2 Hz!1] =
"2

c
· 108 · f" [ergs s!1 cm!2 Å!1]

where we used " ! ! c and transformed from f" d" to f! d!. The factor 108 is
included, because the natural units of wavelength are cm, not Å. Converting the
Vega magnitude zeropoint gives:

m = "2.5 log f! " (48.585 ± 0.005) (4)

where the exact value of the zeropoint depends somewhat on the literature source
(e.g., Hayes & Latham 1975; Bessell 1988,1990), based on a magnitude at 5556Å for
Vega of 0.035–0.048 mag and a corresponding flux density of (3.56–3.52)#10!20 ergs s!1

cm!2 Å!1 .

The AB magnitude system is also called the spectroscopic magnitude system, because
with its constant zeropoint, it is useable at any wavelength in bandpasses of any width,
and hence, also for narrow-band imaging and spectroscopy. In ground-based broad-
band imaging, however, the Vega magnitude system is still the most common system.
Unless explicitly noted otherwise, one should assume Vega magnitudes.

1and not even due to the stellar atmosphere in the mid-IR–far-IR: there one actually detects the
circumstellar debris ring!

c! 2006 R.A. Jansen 5

• The absolute calibration of the AB system is based on Vega:

• This implies that:

• Thus, an AB magnitude can be calculated for any fν:

Vega-dependent zero point

• In the AB system, the reference spectrum is simply a constant line in fν 
(flux per unit frequency)



AB magnitudes (II)

• With the AB system, one can relate magnitudes directly to physical 
quantities like Janskies (note modern detectors are essentially photon 
counting devices)

19
96
AJ
..
..
11
1.
17
48
F

• One can easily convert between AB magnitudes, janskys and electrons:

• Thus, in AB magnitudes, mag 0 has a flux of 3720 Jy 

• A source of flux 10-3 Jy has a magAB = 2.5*log10(3270/10-3)=16.43

• Equally, if your photometric system has a zero-point of 23.75, this 
corresponds to a flux of 3720 Jy / 2.512^(23.75) = 1.2x10-6 and produces 
one detected electron per second

• An AB mag of 16.43 produces a flux of 2.512^(23.75-16.43)=847 
electrons/second

• AB magnitudes are much more common today thanks to multi-wavelength 
surveys
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Plot of zeropoint spectra in three di�erent magnitude systems.
(Note: ordinate is photon flux, not energy flux.)

Although Vega has a reasonably smooth energy distribution, as compared,
for example, to an M star, there are obviously large changes in the vegamag

normalizing constants with wavelength.

• Note that modern 
detectors are all 
photon counting 
devices, whereas 
photomultiplier tubes 
which were energy 
integrating devices. 



AB and VEGA systems compared

Figure 1: Comparison of the spectrum of ! Lyrae (Vega) and a spectrum that is flat in
f! . In the top panel, both are plotted as f" (in ergs s!1 cm!2 Å!1) versus wavelength
" (in µm), while in the bottom panel they are presented as f! (in ergs s!1 cm!2 Hz!1)
versus frequency # (in Hz). Both spectra are equal at the e!ective wavelength of the
V filter, at 5480Å. The mid- to far-IR portion of the spectrum of Vega was replaced by
the stellar atmospheric model of Kurucz (1979): an actual IR spectrum of Vega would
show a significant additional, non-photospheric component due to its circum-stellar
debris disk.

c! 2006 R.A. Jansen 3

• The difference 
between AB and 
VEGA magnitudes 
becomes very large 
at redder 
wavelengths!

• The spectrum of 
vega is very 
complicated at IR 
wavelengths and 
often model 
atmospheres are 
used adding to 
uncertainties



Common magnitude systems

• Landolt system: origins in Johnson & Morgan (1951,1953); UBV 
magnitudes are on the “Johnston” systems, RI magnitudes added later are 
on the “Cousins” system (1976). Based on average colour of six A0 stars

• SDSS ugriz system: Currently the SDSS has a preliminary magnitude 
system (u’g’r’i’z’) based on measurements of 140 standard stars. Fluxes 
of several white dwarfs are measured relative to vega and define the 
absolute flux calibration

• Work is under way to define new photometric systems not reliant on vega 
(which is actually a variable star!).

• SNLS: absolute calibration turned out to be the limiting factor...

• And many, many others: see Bessell et al 1998 for a review.



A general comment: Instrumental 
magnitudes

• In general converting between different magnitude systems is difficult: 
conversion factors depend on the spectrum of each object. 

• For many applications it’s best to leave magnitudes in the instrumental 
system. Model colors can be computed using the filter and telescope 
response functions. Colours do not depend on an absolute 
transformation. 

• In general, for galaxies transforming between different photometric 
systems is difficult because we don’t know what the underlying colour of 
the objects under investigation are. This may be different of course for 
stars!



Performing photometric calibrations
• In general, standard stars (usually from the compilations of Landolt or 

Stetson should be observed at a variety of zenith distances and colours. 

• They should be at approximately the same air-masses at the target field.

mcalib = minst �A + Z + �X

• This is a simple least-squares fit. But in general a system of equations will have 
to be solved:

• In this case, A is a constant like the exposure time, Z is the instrumental zero 
point and kX is the extinction correction.



Atmospheric extinction and 
transmission

• Normally we approximate

X(z) = sec z

• The extinction coefficients can be 
determined by observing a set of standard 
stars at different airmasses throughout the 
night

• OR you can use a set of precomputed 
values  -- make sure there are no recent 
volcanic eruptions! 

• For extragalactic sources , an additional 
effect to consider is Galactic extinction 
which can be estimated from IRAS dust 
maps. (Schlegel et al.) 



A practical recipe for photometric calibrations
• Observe a set of standard star fields (such as those observed by Landolt) in 

the filters you wish to calibrate.

• Measure instrumental magnitudes for Landolt’s stars in your field and cross-
match these stars with Landolt’s catalogue.

• If you don’t care about colour terms, then a simple least-squares fit will give 
you the zero point (the axis intercept) and (optionally) the extinction 
coefficient. 

• If you do care about colour terms, you will have a system of linear equations 
to solve. 

• Make sure your observations cover a large enough range in airmass

• Make sure your instrumental magnitudes are measured in the same way as Mr. 
Landolt! 



Are there are already photometric 
calibration stars in your field?

• 2MASS near-infrared JHK catalogue covers the entire sky an 
can be used to carry out very reliable photometric calibrations. 
Many NIR telescopes now rely on this survey to carry out their 
calibrations. 2MASS can provided a calibration of ~0.03 mags 
(absolute)

• SDSS digital sky survey can provide precise optical calibrations 
(providing of course you can convert between SDSS magnitudes 
and your instrumental system)

• Stellar locus regression (SLR) is a powerful technique which 
can provide an extremely precise calibration for wide-field 
surveys based on one or two ‘anchor’ fields. SLR code is publicly 
available and has been used to calibrate the CFHTLS wide survey. 
Uniform photometric calibrations are essential for applications 
like photometric redshifts



Stellar locus regression

• Can make use the fact that 
the colours of stars are 
relatively well-determined

• If you have enough stars and 
measurements in at least 
three filters then you can 
make a stellar locus plot. If 
there is a change in the 
calibration of the filters then 
the position of the stars will 
shift wrt to the stellar locus.

• SLR techniques used in the 
CFHTLS/SDSS. SLR code 
publicly available from 
google code.  



SDSS compared to SLR
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Figure 26: Comparison of the color o⇥sets derived from the Direct, �CFHTLS�SDSSW i
m�m� , and the SLR,

�SLRW i
m�m� � �SLRW i0

m�m� , methods. The top left plot show the full sample. The sample is the 97 stacks of
W1, W3 and W4 with common stars with SDSS. Overall, the two methods are in excellent agreement.
The three other panels show the results for W1, W3 and W4 separately. The W3 field seems better than
the others, but the methods works very well in all Wide fields. There is however a small o⇥set in u⇥ � g

for W1 .
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An example: Calibrating megacam

• Studies of distant supernovae require a very precise absolute flux 
calibration, better than 1% over the full MEGACAM field of view: very 
challenging

• Photometric redshifts also require very precise and homogenous 
photometric calibration

• Regnault et al. calculate in detail the transformation between CFHT 
instrumental magnitudes and Landolt standard star magnitudes

1010 N. Regnault et al.: Photometric calibration of the SNLS fields
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Fig. 9. gM -, rM , iM- and zM -band !k(x) maps determined from grid observations taken in 2005. In all bands, we observe a radial pattern, which
is well reproduced using synthetic photometry and filter scans provided by the filter manufacturer (REOSC), as will be shown in Sect. 7.3. The
contour lines are displayed to allow the reader to estimate the amplitude of the passband variations.

The discovery of these non-uniformities triggered the reanalysis
of the grid dataset described above.

Up to the T0006 CFHTLS release (spring 2009), data were
processed using the standard Elixir recipe. The uniformity cor-
rections presented in the previous section will be integrated
in 2009 after further interactions with the Elixir team and the
CFHTLS users community. This is planned for the final release
of the CFHTLS data T0007 (spring 2010).

6.6. Applying the grid corrections to the data

Because the grid corrections are color dependent, it is impos-
sible to obtain uniform instrumental magnitudes for all ob-
jects. In practice, we have chosen to apply the !zp(x) maps
directly to the instrumental star magnitudes, defining so-called
“hat-magnitudes”:

ĝADU|x = gADU|x ! !zpg(x)
. . .

ẑADU|x = zADU|x ! !zpz(x) (3)

It would have been possible to apply them directly at the pixel
level. We have chosen to deal directly with the fluxes mainly for
practical reasons, as it did not imply a full reprocessing of the
SNLS data.

The hat magnitudes of stars of colors equal to the grid refer-
ence colors are uniform across the focal plane. The hat magni-
tudes of all other objects vary according to the relations:

ĝADU|x = gADU|x0 + !kggr(x) "
!
(g ! r)|x0 ! (g ! r)grid

"

. . .

ẑADU|x = zADU|x0 + !kziz(x) "
!
(i ! z)|x0 ! (i ! z)grid

"
. (4)

It should be pointed out once again that the definition of the hat
magnitudes depend on the conventional grid reference colors,
colgrid. However, we will see in Sects. 8 and 9 that the grid color
conventions are purely internal quantities and have no impact on
the calibrated tertiary magnitudes.

The instrumental magnitudes entering the calibration
pipeline were measured on the survey images processed with the
o!cial Elixir pipeline, which included a correction for the non-
uniformities of the imager. This correction was applied at the

Radial 
variation of 
megacam 
filter effective 
wavelength 
(Regnault et 
al)
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(a) gM ! V vs. B ! V (b) rM ! R vs. V ! R

(c) iM ! I vs. R ! I (d) zM ! I vs. R ! I

Fig. 14. Upper panels: color!color plots considered in the gM , rM , iM and zM zero-point fits. The black points correspond to individual Landolt
star measurements. The red points are the average of the calibrated measurements of a same star. The color!color transformations are modeled
as piecewise-linear functions, with breaks at B ! V = +0.45, V ! R = +0.65, R ! I = +0.40 and R ! I = +0.35 in the gM , rM , iM and zM bands
respectively. Lower panels: color!color plots residuals (average of each Landolt star’s calibrated measurements only).

Table 6. Landolt to MegaCam color transformation slopes and airmass correction terms.

Band Landolt Color ! " k kElixir
a

color index break
gM B ! V +0.45 +0.4957 ± 0.0153 +0.4583 ± 0.0026 !0.1830 ± 0.0017 !0.15
rM V ! R +0.65 +0.1654 ± 0.0049 +0.2079 ± 0.0248 !0.1346 ± 0.0017 !0.10
iM R ! I +0.40 +0.2069 ± 0.0093 +0.1702 ± 0.0056 !0.0467 ± 0.0017 !0.04
zM R ! I +0.35 !0.1949 ± 0.0301 !0.4420 ± 0.0133 !0.0585 ± 0.0034 !0.03

a Canonical airmass coe!cients reported by the Elixir pipeline in the image headers.

Regnault et al. (2009)
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Fig. 13. Average number of Landolt star observations per CCD, in the
iM-band. CCD number 0 is top left, while CCD number 35 bottom right.
Two to three stars per night and per band are observed on the central
CCDs. On the other hand, often less than 0.5 (and even less than 0.1 for
CCDs 27 to 35) star are observed on the CCDs located on the side of
the focal plane. Hence, each CCD cannot be calibrated independently,
and we have to rely on the uniformity maps to propagate the calibration
to the entire focal plane.

although at the cost of not providing as direct a physical inter-
pretation to our measurements.

Further attempts to refine the analysis presented in Astier
et al. (2006) using synthetic photometry proved unsuccessful.
Eventually, we came to the following conclusions. First, it is
illusory to seek a description of the Landolt system as a nat-
ural system of some “e!ective” hypothetical instrument. Using
shifted Bessell filters to describe the Landolt passbands is not ac-
curate given how the shape of these filters di!er from the shape
of the filters used by Landolt. For example, using a refined mod-
eling of the Landolt instrument, we obtained an estimate of the
B ! V magnitude of Vega which di!ered by 0.02 mag from the
estimate obtained with shifted Bessell filters.

Second, the concept of Landolt-to-MegaCam color transfor-
mation is not well-defined. These transformations depend on the
mean properties (metallicity and log g) of the stellar population
observed by Landolt. In particular, since there are less than a
dozen of Landolt stars observed in the 0 < B ! V < 0.25 re-
gion – where most A0V stars lie, including Vega – there are
large systematic uncertainties a!ecting these transformations in
this region.

Finally, it is possible to reduce significantly the impact of
the systematics a!ecting the Landolt-to-MegaCam color trans-
formations by choosing a fundamental standard whose colors are
close to the mean color of the Landolt stars. It is then enough to
model roughly the color transformations using piecewise-linear
functions, as described in the next section. The choice of an op-
timal primary standard is discussed in Sect. 10.

8.2. Calibration model

Landolt fields are observed almost each potentially photomet-
ric night. The flux of the Landolt stars is measured using the
aperture photometry algorithm described in Sect. 4. On aver-
age, between 2 and 3 stars are observed each night, in each
band, on each central CCD (Fig. 13). On the other hand, less

than 0.5 Landolt star per night are observed on the CCDs which
are on the sides of the focal plane. The Landolt star observations
allow us to determine the zero-points of each night, in each band,
along with additional (nuisance) parameters, such as the coe"-
cients describing the Landolt to MegaCam transformations and
the mean airmass coe"cients.

Due to the significant di!erences between the Landolt
Johnson-Kron-Cousins-UBVRI and MegaCam gM, rM , iM ,
zM filter-sets, the Landolt-to-MegaCam color transformations
were found to be large and even non-linear. We model them us-
ing piecewise-linear functions of the form:

C(color;!, ") =

!""""#
""""$

! " color, if color < colorbreak

! " colorbreak + " "
%
color ! colorbreak

&
,

otherwise

where color is a Landolt color. The equation above has three un-
known parameters: 2 slopes, ! and ", and a “color break” mark-
ing the transition between the two slopes. The slopes ! and " are
fitted along with the zero-points. The parameter colorbreak is ad-
justed by studying the fit residuals, and fixed. We have found that
the sensitivity of the zero points to the break position is small: in
all bands they vary by less than 0.0015 mag if the break varies
by 0.1 mag. As discussed above, if we choose a fundamental
standard whose colors are similar to the Landolt star colors, the
impact of the break position will be even smaller than 0.001 mag.

Since the MegaCam passbands are not uniform, there are, in
practice as many photometric systems as there are locations on
the focal plane. The density of Landolt stars in the calibration
fields does not allow us to calibrate independently each loca-
tion, and we must rely on the grid maps to propagate the cal-
ibration to the whole focal plane. To establish the calibration
equations, let’s first assume that the Landolt stars are all ob-
served at the reference location, x0. The relations between the
MegaCam instrumental “hat magnitudes” (corrected for “gray”
non-uniformities) as defined in Sect. 6 and the magnitudes re-
ported by Landolt (UBVRI) can be parametrized as:

ĝADU|x0 = V ! kg(X ! 1) +C(B ! V;!g, "g) + ZPg
r̂ADU|x0 = R ! kr(X ! 1) +C(V ! R;!r, "r) + ZPr

îADU|x0 = I ! ki(X ! 1) +C(R ! I;!i, "i) + ZPi

ẑADU|x0 = I ! kz(X ! 1) +C(R ! I;!z, "z) + ZPz.

X is the airmass of the observation, ku, . . . kz are the airmass coef-
ficients and ZPu, . . .ZPz the zero-points. The free parameters of
the calibration relations above are the five airmass terms kugriz,
the ten color transformations slopes !ugriz and "ugriz and about
1600 zero points – one zero-point per night and per band. All
these parameters are fit simultaneously on the whole calibration
dataset.

The airmass range of the calibration data taken each night is
extremely variable and does not allow one to fit an airmass co-
e"cient per night and per band. For this reason, we have chosen
to fit one global airmass coe"cient per band. This has no conse-
quence on the tertiary magnitudes which are built by averaging
the data coming from many di!erent epochs.

Quite often, second order terms of the form k# " (X ! 1) "
color enter the airmass parametrization and are neglected here.
This will be discussed in more detail in Sect. 12. We have esti-
mated the magnitude of these contributions using the passband
models discussed in Sect. 7 and synthetic photometry and found
them to be extremely small (<0.001 mag).

In reality, the Landolt stars are not observed at the focal plane
reference location, but at many random locations. We therefore

airmass term Colour term
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we rely on a “fundamental spectrophotometric standard”, i.e. a
star of known SED, S ref(!) and known MegaCam magnitudes in
the system defined above. The calibrated broadband flux, F|x of
an object of magnitude m|x is then:

F|x = 10!0.4 (m|x!mref) "
!

S ref (!)T (!; x)d! (9)

where T (!; x) is the e!ective passband of the imager at loca-
tion x on the focal plane.

Systematic uncertainties a!ect this mapping function. First,
the MegaCam passbands are not known perfectly. Furthermore,
the SED of the fundamental standard is not perfectly mea-
sured. Finally, the MegaCam magnitudes of the fundamental
standard, in the system defined in the previous section are not
known perfectly. At best, the fundamental standard is directly
observed with the survey telescope, and the measurement uncer-
tainties must be taken into account. Most often, the fundamen-
tal standard is too bright to be directly observed, and its mag-
nitudes must be inferred in some way, introducing additional
uncertainties.

It must also be noted that the quantities relevant for the cos-
mology studies are not exactly physical fluxes, but rather the ra-
tio of physical fluxes, measured in di!erent passbands. In other
words, the cosmological measurements are completely insensi-
tive to any change of the absolute flux scale. For this reason,
we report the uncertainties of the fluxes and magnitudes rela-
tive to a reference band, namely the Landolt V-band. In partic-
ular, the relevant uncertainties are those a!ecting (1) the ratios"

S ref (!)T (!; x)d!/
"

S ref (!)V(!)d! and (2) the colors gref ! V ,
rref ! V , iref ! V and zref ! V .

10.1. Selecting a fundamental standard

No spectrophotometric standard usable as a fundamental stan-
dard has reliable magnitudes established from MegaCam obser-
vations. Such a program is underway, but has not been completed
yet. The MegaCam magnitudes of the fundamental standard
must therefore be infered from its Landolt magnitudes, using the
Landolt to MegaCam color transformations. For example, if the
Landolt colors of the star are bluer than the color break:

gref
|x0
= V ref + "g " (B ! V)ref + "gref

|x0

. . .

zref
|x0
= Iref + "z " (R ! I)ref + "zref

|x0
(10)

where the quantities "mref
|x0

account for the fact that the funda-
mental standard departs slightly from the Landolt-to-MegaCam
color!color law. The uncertainties on the MegaCam magnitudes
of the fundamental standard account directly as systematic er-
rors on the calibrated fluxes. The "mref

|x0
o!sets can be as large

as one percent, given the standard deviation of the residuals to
the Landolt-to-MegaCam color laws. Hence, they must be evalu-
ated, using synthetic photometry. Furthermore, we point out that
the uncertainty on the Landolt-to-MegaCam color transforma-
tions also a!ect the estimates of g|x0 , . . . z|x0 . Our concern in this
section, is therefore to choose a fundamental standard, which
would allow us to minimize this error budget.

A standard choice is the star "-Lyræ, also called Vega. Vega
is one of the six A0V stars that define the zero-points of the
historical Johnson & Morgan (1951, 1953) UBV system. The
Landolt magnitudes of this star being all close to zero (although
not exactly zero), the Landolt system is often (improperly) re-
ferred to as a “Vega based system” and the SED of Vega is

generally used to convert the Landolt magnitudes into fluxes.
This was the approach used in Astier et al. (2006). The “canoni-
cal” magnitudes of Vega reported, for example in Fukugita et al.
(1996) were used to twist the SED of Vega measured by Bohlin
& Gilliland (2004b) and to get an approximation of the SED of
the hypothetical fundamental standard of the Landolt system.

However, a close study of the systematic error budget shows
that Vega is not a wise choice if we seek a 1% precision or better
on the calibrated fluxes. First, Landolt did not actually observe
Vega directly while building his catalogs due to its brightness.
An estimate of the Landolt Vega U ! B and B ! V colors can
be obtained by propagating the initial measurements of Johnson
& Morgan (1951) through the color transformations cited by
Landolt (1973, 1983, 1992b). The R ! I color index can traced
back from the original Cousins (1978) papers. However, val-
ues of R ! I that di!er by about 0.05 mag are cited in Taylor
(1986); Fukugita et al. (1996). Furthermore, no measurement of
the V ! R color index could be found in the literature. In any
case, it is not possible to guarantee a precision of 0.01 mag on
the Vega magnitudes reconstructed in such a way.

Another problem with Vega, is that it is significantly bluer
than the average Landolt star (B!V # 0.77) and the average ter-
tiary standards. As discussed in Sect. 8, there are large uncertain-
ties associated with the modeling of the Landolt-to-MegaCam
color transformations. In particular, given the low number of
blue Landolt stars, it is nearly impossible to tell anything about
the linearity of the color transformations in the bluer parts of the
color-color diagrams. Furthermore, as noted in Sect. 8, the blue
side of the Landolt-to-MegaCam transformations (the " param-
eters) are determined with a precision not better than 1.5% in g
and 3% in z. This induces an additional uncertainty of about 1%
on the MegaCam colors of Vega infered with Eq. (10). This prob-
lem disappears if we use, as a fundamental standard, a star of
colors close to the average color of the Landolt stars, and if pos-
sible, a star directly observed by Landolt.

Few Landolt stars have measured spectral energy distribu-
tions, covering the wavelength-range 3000!11 000 Å covered
by MegaCam. The HST community has put considerable ef-
fort into building a database of high-quality spectrophotometric
standards – the so-called CALSPEC database (Bohlin 2000a).
An absolute flux scale was defined, based on NLTE mod-
els of three pure hydrogen white-dwarfs: G191-B2B, GD 153
and GD 71. The SEDs of several key standards such as Vega
and BD +17 4708 have been re-observed and re-calibrated
with the Space Telescope Imaging Spectrograph (STIS) and
the Near Infrared Camera and Multi-Object Spectrometer
(NICMOS) instruments (Bohlin 2000b; Bohlin & Gilliland
2004b; Bohlin 2007). More recently, Landolt & Uomoto
(2007, hereafter LU07) published magnitudes of some of the
CALSPEC HST spectrophotometric standards. Combining these
two sources, we found that six stars have simultaneously
known Landolt magnitudes and known SEDs, published by
the CALSPEC project and measured exclusively with the HST
STIS and NICMOS instruments: AGK +81 266, BD +17 4708,
G 191-B2B, GD 71, GRW 705824 and LDS 749B. Most of these
objects are very blue stars, except BD +17 4708, whose colors
are close to the average Landolt colors.

We have therefore selected BD +17 4708 as a fundamen-
tal standard. This F8-type star has been chosen as a fundamen-
tal standard for many photometric systems, notably that of the
Sloan Digital Sky Survey (SDSS) (Fukugita et al. 1996; Smith
et al. 2002; Gunn et al. 1998, 2006; Ivezić et al. 2007) and con-
sequently has been studied by many groups, which have derived
estimates of its extinction, e!ective temperature, metallicity and

• A spectrophotometric standard 
which has been observed in 
landolt is used for the absolute flux 
calibration
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(a) gM (b) rM

(c) iM (d) zM

Fig. 15. gM , rM , iM and zM zero-point as a function of time. The zero-point evolution is classically due to dust accumulating in the optical path
and the natural degradation of the mirror coating over time. We also indicate the main events (recoating, labeled “[R]”, and washings “[W]”)
which a!ected the primary mirror during the three first years of the survey. The significant improvement observed around +200 days is due a
mirror recoating (August 15th, 2003). The e!ect of two additional mirror cleanings, which took place on April 14th, 2004 and January 26th, 2005
are also clearly visible. The full MegaCam/MegaPrime history log is available at http://www.cfht.hawaii.edu/Instruments/Imaging/
MegaPrime/megaprimehistory.html.

magnitudes we would like to report to the end users, since they
hide the complexity of the MegaCam imager to the external user.
However, the Uniform Magnitudes are not natural magnitudes:
indeed, they include a color term in their definition.

9.2. Local natural magnitudes

The definition above tells us how to define the MegaCam natural
magnitudes. They must incorporate the grid color corrections.
We define these magnitudes as:

g|x ! g|x0 + !kggr(x) "
!
(g # r)|x0 # (g # r)ref

"

. . .

z|x ! z|x0 + !kziz(x) "
!
(i # z)|x0 # (i # z)ref

"
(7)

where g|x0 . . . z|x0 are the magnitudes defined above, and (g#r)ref
. . . (i # z)ref arbitrary color zero points. With this definition, the
relation between the calibrated magnitudes and the instrumental
magnitudes is:

g|x = ĝADU|x + ZPg # !kggr(x) "
!
(g # r)ref # (g # r)grid

"

. . .

z|x = ẑADU|x + ZPz # !kziz(x) "
!
(i # z)ref # (i # z)grid

"
. (8)

As we can see, the g|x, . . . z|x form a natural magnitude system.
We call them Local Natural Magnitudes. On the other hand, the
definition of these magnitudes explicitly depends on where each
star was observed on the focal plane.

Once again, it is easy to verify that the calibrated magni-
tudes do not depend on the choice of the grid reference colors,
since the quantities m̂ADU|x + !k(x) " (colorgrid) are themselves
independent of those reference colors. We also have introduced
another set of reference colors: (g# r)ref , . . . (i# z)ref . These col-
ors have the same status as the grid reference colors: they have
been introduced to make explicit that there is some degree of
arbitrariness in the Local Magnitude definition. In practice, it is
useful to take these colors equal the colors of the fundamental
standard at the center of the focal plane:

(g # r)ref = (g # r)ref
|x0

(r # i)ref = (r # i)ref
|x0

(i # z)ref = (i # z)ref
|x0
.

10. Flux interpretation of the MegaCam magnitudes

Now that we have defined a system of natural magnitudes, we
still have to explicit the magnitude to flux conversion. To do this,

Regnault et al. (2009)

• Zero point of telescopes 
can evolve due to dust 
build-up inside the 
telescope or mirror 
changes

• VISTA also provides a 
similar example with 
mirror coating degrading 
progressively with time...



Synthetic calibrations

• Given a knowledge of the filter response functions, the atmospheric 
transmission, detector and telescope efficiency and source spectrum one can 
compute any transformation between any system

• The SYNPHOT task in STSDAS can produce synthetic photometric 
measurements for HST 

• Of course the real problem is actually knowing the filter response curves! In 
many systems (such as Landolt) the filter response curves are not know to 
better than a few percent

• In general, absolute photometric calibration better than one percent is very 
difficult; relative or differential photometry to this level or better is 
comparatively easier. 



Measuring magnitudes on CCD data



Set of indivudal 
science images

Subract bias/
divide by flat 

for each image

Compute 
astrometric 

solution

external 
astrometric 
catalogue

Set of individual 
calibration 

images

Combine 
calibration frames 
to make master 

flat / master dark

resample and 
coadd images

external 
photometric 

catalogue

compute photometric 
solution

extract 
catalogues

• IRAF task such as imcombine, 
imarith can be used for the pre-
reductions

• swarp, scamp, can be use used 
for the calibration

• sextractor, phot, daophot: are 
good ways to make phtometric 
measurements



CCD equation I

• Read noise follows a Gaussian or normal 
distribution

• Shot noise follows a Poissonian 
distribution (counting statistics)

Pn =
mne�m

n!

� =
�

m

N =

!

S! + SS + t · dc + R2

Astronomical 
Source

Sky 
background Dark current Read noise

Total counts 
per pixel, 
electrons



CCD equation II

S

N
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S!
!

S! + npix ·

"

1 +
npix
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#
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Photometric errors
•  Most photometric software like 

sextractor provide an estimate 
of the error for a given 
photometric aperture

• Bright sources like stars are 
dominated by photon counting 
noise; faint source like galaxies 
are dominated by background 
noise

• However in “real” data which may 
have been resampled the noise 
background could be unde-
estimated and for faint objects, 
magnitude errors will be 
incorrect. 

• Often need to do simulations to 
get the right answer or find the 
“fudge factor”

0.06 % for default extraction parameters. The use of MAG BEST is now deprecated as MAG AUTO

measurements are much more robust in versions 2.x of SExtractor. The first improvement is
a crude subtraction of all the neighbours which have been detected around the measured source
(the MASK TYPE BLANK option). The second improvement is an automatic correction of parts of
the aperture which are suspected from contamination by a neighbour by mirroring the oppo-
site, cleaner side of the measurement ellipse if available (the MASK TYPE CORRECT option, which
is also the default). Figure 7 shows the mean loss of flux measured with isophotal (threshold
= 24.4 mag.arsec!2), corrected isophotal and automatic aperture photometries for simulated
galaxy BJ on a typical Schmidt-survey plate image.

Photographic photometry In DETECT TYPE PHOTO mode, SExtractor assumes that the
response of the detector, over the dynamic range of the image, is logarithmic. This is generally
a good approximation for photographic density on deep exposures. Photometric procedures
described above remain unchanged, except that for each pixel we apply first the transformation

I = I0.10
D
! (49)

where ! (= MAG GAMMA is the contrast index of the emulsion, D the original pixel value from the
background-subtracted image, and I0 is computed from the magnitude zero-point m0:

I0 =
!

ln 10
.10!0.4m0 (50)

One advantage of using a density-to-intensity transformation relative to the local sky background
is that it corrects (to some extent) large-scale inhomogeneities in sensitivity (see Bertin 1996 for
details).

Errors on magnitude An estimate of the error16 is available for each type of magnitude. It
is computed through

!m = 1.0857

!

A"2 + F
g

F
(51)

where A is the area (in pixels) over which the total flux F (in ADU) is summed, " the standard
deviation of noise (in ADU) estimated from the background, and g the detector gain (GAIN
parameter17 , in e!/ADU). For corrected-isophotal magnitudes, a term, derived from Eq. 46 is
quadratically added to take into account the error on the correction itself.

In DETECT TYPE PHOTO mode, things are slightly more complex. Making the assumption that
plate-noise is the major contributor to photometric errors, and that it is roughly constant in
density, we can write:

!m = 1.0857
" ln 10

!

"

x,y I2(x, y)

!
"

x,y I(x, y)
(52)

where I(x, y) is the contribution of pixel (x, y) to the total flux (Eq. 49). The GAIN is ignored
in PHOTO mode.

16Important: this error must be considered only as a lower value since it does not take into account the (complex)
uncertainty on the local background estimate.

17Setting GAIN to 0 in the configuration file is equivalent to g = +!

36

Background 
noise^2 x 
area (pixels)

• This does not take into 
account systematic errors 
which could be caused by bad 
photometric calibration 

Object flux/gain



Sometimes the sky noise isn’t gaussian..

Correlated noise in oversampled 
deep J-band exposure (WFCAM) Normal “white” noise



Incompleteness and reliability

• On a given astronomical image 
to a given flux limit can define 
the concepts of 
incompleteness and reliability

• Incompleteness: does the 
catalogue contain all sources to 
a given flux limit?

• Reliability: are all the sources 
real sources (i.e., not false 
detections)?

• Obviously it is best to science 
with catalogues which are 
complete and reliable 
preferably many sigmas from 
the detection limit. 

• Reliability: where do the 
sources lie in a flux-radius size 
plane?

• Reliability: in a “negative” 
image at the same flux limit 
how many sources are there?

• Completeness: How do the 
number density of objects 
compare with deeper surveys?

• Completeness can also be 
estimated by numerical 
simulations 

How to estimate itWhat it is



Detection limits
• The signal to noise ratio is 

simply 1/(magnitude error)

• The detection limit 
indicates to what magnitude 
limit an image can be 
scientifically exploitable. 
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Figure 4. (B ! Z)AB vs. (z ! K)AB diagram for all galaxies in the COSMOS
field. Four distinct regions are shown: stars (lower part of the diagram), galaxies
(middle), star-forming galaxies (left), and passively evolving galaxies (top right).
The solid line shows the colors of stars in the BzK filter set of Daddi et al.
computed using the models of Lejeune et al. (1997).

For galaxies expected at z > 1.4, star-forming galaxies (here-
after sBzK) are selected as those objects with BzK > !0.2. One
should also note that the reddening vector in the BzK plane is
approximately parallel to the sBzK selection criteria, which en-
sure that the selection is not biased against heavily reddened
dusty galaxies.

Old, passively evolving galaxies (hereafter pBzK) can be
selected as those objects which have

BzK < !0.2, (z ! K) > 2.5. (9)

Stars are selected using this criteria:

(z ! K) < !0.5 + (B ! z) " 0.3. (10)

Finally, the full galaxy sample consists simply of objects
which do not fulfill this stellarity criterion. The result of this
division is illustrated in Figure 4. The solid line represents the
colors of stars in the BzK filter set of Daddi et al. using the
empirically corrected spectra presented in Lejeune et al. (1997),
and it agrees very with our corrected stellar locus.

4. SOURCE COUNTS

We now present number counts of the three populations
selected in the previous section.

4.1. Star and Galaxy Counts

Figure 5 shows our differential galaxy number counts com-
pared to a selection of measurements from the literature. We
note that at intermediate magnitudes (20 < Ks < 22) counts
from the four surveys presented here are remarkably consistent
(Elston et al. 2006; Huang et al. 1997; Hartley et al. 2008). At
16 < Ks < 20, discrepancies between different groups con-
cerning measurement of total magnitudes and star–galaxy sep-
aration leads to an increased scatter. At these magnitudes, shot
noise and large-scale structure begin to dominate the number
count errors.

Figure 5. Ks-selected galaxy and star counts from the COSMOS survey (open
circles and stars, respectively) compared to measurements from recent wide-
field near-infrared surveys.

The COSMOS-WIRCam survey is currently the only work to
provide unbroken coverage over the range 16 < Ks < 23. In ad-
dition, our color-selected star–galaxy separation provides a very
robust way to reject stars from our faint galaxy sample. These
stellar counts are shown by the asterisks in Figure 5. We note
that at magnitudes brighter than Ks # 18.0 our stellar number
counts become incomplete because of saturation in the Subaru
B image (our catalogs exclude any objects with saturated pixels,
which preferentially affect point-like sources). Our galaxy and
star number counts are reported in Table 2.

4.2. sBzK and pBzK Counts

Figure 6 shows the counts of star-forming BzK galaxies com-
pared to measurements from the literature. These counts are
summarized in Table 2. We note an excellent agreement with
the counts in Kong et al. (2006) and the counts presented by the
MUYSC collaboration (Blanc et al. 2008). However, the counts
presented by the UKIDSS-UDS group (Lane et al. 2007; Hartley
et al. 2008) are significantly offset compared to our counts at
bright magnitudes, and become consistent with it by Ks # 22.
These authors attribute the discrepancy to cosmic variance,
but we find photometric offsets a more likely explanation (see
below).

Figure 7 shows, in more detail, the zone occupied by passive
galaxies in Figure 4. Left of the diagonal line are objects
classified as star-forming BzK galaxies. Objects not detected in
B are plotted as right-pointing arrows with colors computed from
the upper limit of their B-magnitudes. An object is considered
undetected if the flux in a 2$$ aperture is less than the corrected
1! noise limit. For the B band this corresponds to approximately
29.1 mag. This criterion means that in addition to the galaxies
already in the pBzK selection box, fainter sBzK with B-band
non-detections (shown with the green arrows) may be scattered
rightward into the pBzK region.

Counts for our passive galaxy population, including these
“additional” objects, are represented by the hatched region
in Figure 8. The upper limit for the source counts in this
figure represents the case in which all the (z ! K)s > 2.5
sources undetected in B are scattered into the pBzK region.

• Magnitude errors rise rapidly 
as one approaches the 
detection limit

• Can make a simple estimate 
the detection limit from the 
sky noise

Number of objects vs 
magnitude

signal-to-noise vs 
magnitude



Detection limits and sky noise

detection limit = �2.5 log(SN⇥ �
p
N) + ZP

• N given by the number of pixels in the (normally) circular aperture

• sigma is the noise per pixel in the image

• ZP conversion between ADU and magnitudes



Measuring instrumental magnitudes: 
aperture fluxes

• In aperture photometry one simply measures the total flux inside a 
(normally circular) aperture and subtracts the sky flux. Programs like 
PHOT in IRAF can do this for you. 

• If the size of the aperture is too small, flux is lost

• However, if the aperture is too large, too much sky is included 
(measurement becomes noisy). 

• In a curve of growth analysis, the flux in a series of apertures is 
measured. In this way a correction to total magnitude can be estimated 
for the smallest apertures (which are the least contaminated by 
crowding, but miss the largest amount of flux). 

• Note that aperture magnitudes can be sensitive to point-spread-
function (PSF) variations. 







Photometry of faint sources -- Kron 
magnitudes

• In variable-aperture photometry a photometric 
aperture is chosen and then the flux is summed 
up out to this radius. 

• Kron (1980) magnitudes use the first image 
moment to determine the radius of the elliptical 
or circular aperture for flux integration. 

• Sextractor integrates the galaxy profile out 
2.5*r1; Simulations show that this recovers 
around 95% of the galaxies flux. 

• There can objects with unusual profiles where 
the amount of flux lost is much greater. 

• In crowded fields Kron magnitudes are perturbed by 
the presence of nearby sources. In these cases it’s 
almost better use PSF-fitting photometry (at least 
for stars)

r1 =
�rI(r)
�I(r)



Optimal settings for deep imaging data

• Effect of activating the  PHOT_AUTOAPERS which sets the minimum Kron 
radius in deep Megacam images. 

PHOT_AUTOAPERS 0,0 PHOT_AUTOAPERS 16,16

• For very faint objects it can be difficult to measure accurately the size of the 
Kron radius



Point-spread fitting photometry 

• For crowded fields (like globular clusters) blending can become 
important. Kron magnitudes are corrupted. 

• Iterative point-spread fitting programs like DAOPHOT and DAOFIND are 
very good for crowded stellar fields (for example, globular clusters)

• Obviously PSF-fitting photometry can only work for stellar fields! Current 
generation psf-fitting software also assumes the object PSF is constant 
over the field of view. 



Photometry of faint sources with 
SExtractor

• Sextractor provides many kinds of magnitudes. 

• MAG_APER measures a  fixed aperture magnitudes in a user-specified diameter

• MAG_ISO are isophotal magnitudes - integrations carried out to a fixed isophotal limit 
above the sky background

• MAG_AUTO are Kron magnitudes - integrations carried out to a fixed radius defined 
by the second moment
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• Best magnitudes to use depends on the astrophysical application: nearby, 
bright galaxies; distant unresolved point-like objects; crowded stellar fields; 
deep galaxy fields.  



Making multi-band catalogues

• In many astrophysical applications we are interested in measuring not only 
the magnitude of objects but also their colour - the difference in magnitude 
between two bands. 

• An easy way to do this is to use the ‘dual image mode’ in sextractor, where 
one image is used as a detection image and another image is used as a  
measurement image. In this way object lists are matched as the same 
detection image is used in all bands. 

• Another way is simply to cross-correlate the two catalogues, but you may not 
be sure you are measuring the same aperture on the same galaxy

• The choice of the detection image is important and once again depends on 
the type of astrophysical application. Generally however we want to choose 
the reddest possible bandpass. 

• The “chisquared” image is a useful  way to make multiple band images



Quality control

• At the telescope: 

• Is it the right source / field?

• Is the source saturated (look at a radial profile)?

• Are we read-noise limited (are there enough counts in the sky and in 
the source)?

• At home:

• Does applying the calibration frames reduce the amount of noise per 
pixel in the image?

• Does the noise scale correctly with the number of exposures?


